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ABSTRACT
Recent ALMA observations unveiled the structure of CO gas in the 23 Myr-old β Pic-
toris planetary system, a component that has been discovered in many similarly young
debris disks. We here present ALMA CO J=2-1 observations, at an improved spectro-
spatial resolution and sensitivity compared to previous CO J=3-2 observations. We
find that 1) the CO clump is radially broad, favouring the resonant migration over
the giant impact scenario for its dynamical origin, 2) the CO disk is vertically tilted
compared to the main dust disk, at an angle consistent with the scattered light warp.
We then use position-velocity diagrams to trace Keplerian radii in the orbital plane
of the disk. Assuming a perfectly edge-on geometry, this shows a CO scale height
increasing with radius as R0.75, and an electron density (derived from CO line ratios
through NLTE analysis) in agreement with thermodynamical models. Furthermore,
we show how observations of optically thin line ratios can solve the primordial versus
secondary origin dichotomy in gas-bearing debris disks. As shown for β Pictoris, sub-
thermal (NLTE) CO excitation is symptomatic of H2 densities that are insufficient to
shield CO from photodissociation over the system’s lifetime. This means that replen-
ishment from exocometary volatiles must be taking place, proving the secondary origin
of the disk. In this scenario, assuming steady state production/destruction of CO gas,
we derive the CO+CO2 ice abundance by mass in β Pic’s exocomets to be at most
∼6%, consistent with comets in our own Solar System and in the coeval HD181327
system.
Key words: submillimetre: planetary systems – planetary systems – circumstellar
matter – comets: general – molecular processes – stars: individual: β Pictoris.
1 INTRODUCTION
The circumstellar environment of β Pictoris, a nearby
(19.44 ± 0.05 pc, van Leeuwen 2007), young (23 ± 3 Myr,
Mamajek & Bell 2014) main sequence A6 star (Gray et al.
2006), has been a continuous source of discoveries since
? E-mail: l.matra@ast.cam.ac.uk
more than three decades ago, when first circumstellar gas
through optical absorption lines (Slettebak 1975) and then
dust through an infrared excess from IRAS (Aumann 1985)
were discovered. Its edge-on geometry was unveiled soon af-
ter through the first resolved image of a circumstellar dust
disk (Smith & Terrile 1984), and explained the observed cir-
cumstellar gas absorption lines (Hobbs et al. 1985). Later,
it was understood that to maintain the low levels of dust
c© 2016 The Authors
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present in many nearby main sequence stars such as β Pic-
toris, a replenishment mechanism is needed (Backman &
Paresce 1993). This need for replenishment of second gener-
ation dust sets the physical definition of a debris disk, and
represents the fundamental difference with primordial pro-
toplanetary disks, where the presence of large amounts of
gas means the dust does not need replenishment (e.g. Wy-
att et al. 2015).
Considered one of the archetypes of debris disks, the
presence of gas has given β Pictoris particular attention.
The observed atomic absorption lines were seen to have both
a stable component, at a radial velocity similar to that of
the star, and a variable component, seen at different ra-
dial velocities (e.g. Slettebak & Carpenter 1983; Kondo &
Bruhweiler 1985; Lagrange et al. 1987). The latter feature
was attributed to evaporating cometary bodies approach-
ing the star on eccentric orbits (Ferlet et al. 1987; Beust
et al. 1990; Kiefer et al. 2014). In addition, Hubble Space
Telescope (HST) observations showed that the gas compo-
sition is rather peculiar, with an extreme overabundance of
carbon compared to other elements. This carbon acts as a
braking agent and explains how the observed metallic gas
levels can be maintained through braking against stellar ra-
diation pressure (Roberge et al. 2006; Ferna´ndez et al. 2006).
Though generally absorption studies against the stellar con-
tinuum are the most sensitive, they are limited in that they
only probe the gas column along the line of sight to the
star. Recent studies have therefore been focusing on emis-
sion lines, which on the other hand can be used to trace the
overall morphology of the gas disk. Firstly resolved obser-
vations of metallic atoms in the optical/UV (Olofsson et al.
2001; Brandeker et al. 2004; Nilsson et al. 2012), and sub-
sequently observations of ionised carbon and oxygen in the
far-IR (Cataldi et al. 2014; Kral et al. 2016) showed that the
bulk of the atomic gas does not originate from the infalling
cometary bodies at a few stellar radii, but from a more ex-
tended gas disk in Keplerian rotation at several tens of AU
around the central star.
Molecular gas has been more difficult to detect, with
only upper limits on H2 and OH (Martin-Za¨ıdi et al. 2008;
Vidal-Madjar et al. 1994). The presence of CO gas along the
line of sight to the star was first marginally detected in ab-
sorption by the International Ultraviolet Explorer (Deleuil
et al. 1993) and then confirmed through HST observations
(e.g. Vidal-Madjar et al. 1994; Roberge et al. 2000). How-
ever, detection of its rotational transitions at millimetre
wavelengths proved impossible with single dish telescopes,
despite very long integration times (Liseau & Artymowicz
1998). It is only through recent interferometric observations
with the Atacama Large Millimeter/sub-millimeter Array
(ALMA), bringing a drastic improvement in sensitivity and
angular resolution, that detection of the J=3-2 transition at
345 GHz has been made possible (Dent et al. 2014). The data
revealed for the first time the spatial distribution of CO, pre-
senting a clump of emission at 85 AU on the SW side of the
disk, which is co-located with both a radial peak in the dust
millimetre emission and a SW dust clump similarly observed
at mid-IR wavelengths (Telesco et al. 2005). This was inter-
preted as evidence for a common production location for
both second-generation debris dust and second-generation
CO. The clumpy azimuthal structure was then attributed
to enhanced collision rates between icy bodies at specific
azimuthal locations, which could be the dynamical evidence
of either a giant impact between Mars-sized bodies (Jackson
et al. 2014) or the migration of a yet unseen planet sweeping
icy planetesimals into resonance (Wyatt 2003, 2006).
We here present new ALMA follow-up observations of
the β Pictoris system. In this work, we focus on CO J=2-1
emission at 230 GHz, observed at an improved sensitivity
and spatial resolution of ∼ 5.5 AU, and analyse it together
with archival 345 GHz ALMA observations of the J=3-2
transition. We postpone the analysis of the dust continuum
and upper limits on SiO emission as the subject of forth-
coming work. In Section 2, we describe the observations,
calibration and imaging procedures, whereas in Section 3
we analyse the radial, vertical and azimuthal structure of
both CO transitions as well as the ratio between the two.
In Section 4, we model the resolved line ratios using the
non-local thermodynamic equilibrium methods developed in
Matra` et al. (2015), showing how they can be used to probe
undetectable species in the disk such as electrons and H2,
and measure the mass and optical thickness of CO gas. Fi-
nally, in Section 5, we discuss how our analysis impacts the
current understanding of gas in the β Pictoris system itself
as well as other gas-bearing debris disks.
2 OBSERVATIONS
2.1 ALMA Band 6
We observed the β Pictoris disk with ALMA during its Cy-
cle 2 (project code 2012.1.00142.S) using band 6 receivers.
Observations were performed using both the 12-m array and
the Atacama Compact Array (ACA). The 12-m observations
were carried out in two antenna configurations; for the most
compact one, observed in December 2013, a mosaic strategy
was used with two pointings at ±5′′ from the stellar loca-
tion along the disk midplane, whereas for the most extended
one, observed in August 2015, a single-pointing strategy was
adopted. ACA observations were also carried out in single-
pointing mode during October 2013. The on-source times
were 28, 114 and 50 minutes respectively for the 12-m (com-
pact and extended) and ACA observations. The spectral
setup of the correlator consisted of four spectral windows;
of these, two were centred around 218.5 and 232.5 GHz and
set in time division mode (TDM) to achieve maximum band-
width (∼2 GHz each) for continuum observations. The re-
maining two were set in frequency division mode (FDM) to
target the 12CO J=2-1 line (at rest frequency 230.538 GHz)
and the SiO J=5-4 line (at 217.105 GHz) with a channel
spacing of 244.141 and 488.281 kHz, respectively. The corre-
sponding velocity resolutions are 0.64 and 1.35 km/s (after
Hanning smoothing). Across all observations, either Uranus,
Ganymede or J0519-454 were used as amplitude calibrators,
whereas J0519-4546 was used as phase calibrator and either
J0538-4405 or J0334-4008 as bandpass calibrators.
The data calibration was carried out using the CASA
software version 4.3.0, including appropriate weighting be-
tween different observations and/or array configurations. We
note that the flux calibration is estimated to be accurate
within 10% (ALMA Cycle 2 Technical Handbook). The cali-
brated visibilities from the ACA and the 12-m datasets (cov-
ering baselines from 9 to 1574 m) were then concatenated,
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achieving a u-v coverage which gives us sensitivity to struc-
ture on scales between 0.′′3 and 27′′. To image the CO line,
we first subtracted the continuum from the combined visibil-
ity dataset using the uvcontsub task within CASA. Then, we
imaged velocity channels within ±10 km/s from the radial
velocity of the star (20.0±0.7 km/s in the heliocentric refer-
ence frame, Gontcharov 2006) using the CLEAN algorithm
(Ho¨gbom 1974). Natural weighting of the visibilities was ap-
plied, resulting in a synthesised beam of size 0.′′30×0.′′26 and
position angle (PA, East of North) of -83.◦9, corresponding
to 5.8×5.1 AU at the known distance to the system.
As one of the main goals of this work is to directly com-
pare this new Band 6 CO J=2-1 dataset with the archival
CO J=3-2 Band 7 dataset, we also produced a final CO J=2-
1 data cube at the degraded spatial and spectral resolution
of the archival J=3-2 dataset; details of the procedure are
described in Appendix A.
2.2 ALMA Band 7
In addition to the new Band 6 observations, we retrieved
archival ALMA Band 7 CO J=3-2 data obtained within Cy-
cle 0 (project code 2011.0.00087.S), which are described in
Dent et al. (2014). In summary, a two-point mosaic strat-
egy analogous to the Band 6 compact configuration observa-
tions was applied, although without use of the ACA (base-
lines ranging from 16 to 382 m). For consistency, we re-
peated the data reduction and imaging procedure the same
way as done for the Band 6 data, using the same version
of CASA. This resulted in a final synthesised beam of size
0.′′69×0.′′55 (13.4×10.7 AU) and PA 65.◦4, with a channel
width of 488.281 kHz (corresponding to a 0.85 km/s res-
olution at 345.796 GHz). As for the Band 6 dataset, the
uncertainty in the flux calibration is estimated to be 10%
(ALMA Cycle 0 Technical Handbook).
3 RESULTS
Fig. 1 shows CO J=2-1 and J=3-2 moment-0 CLEAN images
of the β Pictoris disk at their original spatial resolution, ob-
tained by spectrally integrating over heliocentric velocities
between 14 and 26 km/s (±6 km/s in the reference frame
of the star). The 1-σ noise levels on the moment-0 images
are 2.7 and 24 ×10−23 W m−2 beam−1 (or 3.5 and 21 mJy
km/s), respectively, yielding a peak detection of CO inte-
grated line emission at a SNR per beam of 17 and 21 for
the 2-1 and 3-2 transitions, respectively. The total line flux
was measured on the primary-beam-corrected moment-0 im-
ages by spatially integrating over a region that contains all
significant disk emission, but small enough to avoid signif-
icant noise contamination. The integrated fluxes measured
are (3.5± 0.4)× 10−20 W m−2 for the J=2-1 transition, and
(6.7 ± 0.7) × 10−20 W m−2 for the J=3-2 transition, indi-
cating an integrated 3-2/2-1 line ratio of 1.9± 0.3. Absolute
errors on integrated line fluxes take into account both the
noise level in the moment-0 images and the flux calibration
uncertainty; we then summed the relative errors on both
fluxes in quadrature (under the assumption that they are
Gaussian in nature) to obtain the uncertainty on the line
ratio.
3.1 Spectrally-integrated radial structure
In Fig. 2 we present the radial profile of CO emission along
the β Pic disk midplane (xsky axis in Fig. 1). This was de-
rived from the moment-0 images by vertically integrating
disk emission from pixels within ±20 AU from the midplane
(i.e. with |ysky| < 20 AU). The J=2-1 dataset confirms the
presence of a clump of CO on the SW side of the disk (previ-
ously discovered in J=3-2 by Dent et al. 2014) at a projected
separation of 60 AU from the star, and faint J=2-1 emission
detected out to larger distances on the NE side than J=3-2
emission, which will become even clearer when looking at
the CO velocity structure (Sect. 3.3). This is attributable to
both the lower sensitivity of the Band 7 dataset, but also
to an intrinsic decrease in the J=3-2/J=2-1 line ratio at in-
creasing disk radii.
3.2 Spectrally-integrated vertical structure
In order to probe the vertical structure in the disk, we anal-
yse its spine, which we define as the locus of the centres
of best-fit vertical Gaussians measured at different locations
along the disk midplane. We remind the reader that the
disk images shown in Fig. 1 have been rotated by the posi-
tion angle (PA) of the main disk observed in scattered light,
corresponding to 29.◦3+0.2−0.3 (Lagrange et al. 2012). In scat-
tered light, this differs from the PA of the inner part of the
disk, which appears tilted when compared to the main disk
observed in the outer regions (e.g. Apai et al. 2015).
Fig. 3 (top row) illustrates the procedure employed. We
apply vertical cuts in the ysky direction for each location
xsky along the midplane where emission greater than 5σ
is detected. The measured (normalised) flux versus ysky is
shown as red and blue solid lines. The green dashed Gaus-
sian profiles have width equal to the FWHM of the restoring
beam projected onto the ysky direction (11.4 and 5.7 AU for
J=3-2 and J=2-1, respectively), and indicate that the disk
is resolved vertically for both CO lines. We then employ 1D
Gaussians to fit the vertical profiles and obtain the observed
best-fit vertical location of the Gaussian peak, which we de-
fine as yobs (see fitting procedure and error determination
in Appendix B). Repeating the process at several midplane
locations yields the locus of vertical Gaussian centres yobs
at different xsky locations, i.e. the disk spine. This appears
significantly tilted with respect to the PA of the main disk
midplane, presenting an extra anticlockwise rotation (as was
noted by Dent et al. 2014) by a tilt angle dPA. The latter
is similar to the tilt angle observed for the scattered light
inner disk (∼4◦, Apai et al. 2015), and is most pronounced
at the location of the clump.
Accurate measurement of the true warp angle from this
sky-projected tilt is challenging. To begin with, the disk
spines derived from both CO and scattered light are not
well represented by a straight line, meaning that measure-
ment of the sky-projected tilt itself is highly sensitive to the
disk radii between which the straight line is drawn. Secondly,
even assuming a perfectly edge-on disk, there is no reason
to believe that the warp axis lies in the plane of the sky;
any azimuthal displacement of the warp axis in the orbital
plane would cause a substantial difference between the true
warp angle and the observed projected sky tilt. To further
investigate any potential azimuthal dependence on this tilt,
MNRAS 000, 1–21 (2016)
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Figure 1. CO J=2-1 and J=3-2 spectrally integrated (moment-0) CLEAN images of the β Pic disk, at their original synthesized resolution
(natural weighting). The images have been rotated by the position angle of the main disk observed in scattered light (29.3◦). This way,
we can define the xsky axis as the direction along the disk on-sky midplane (positive towards the SW), and the ysky axis as the direction
perpendicular to it (positive towards the NW). The origin of the axis is set to the stellar location, and the restoring beam is shown as
the yellow ellipse in the bottom left corner.
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Figure 2. Radial distribution of CO line flux obtained from spa-
tially integrating the moment-0 images in Fig. 1 along the perpen-
dicular to the main disk midplane ysky, where
∣∣ysky∣∣ < 20 AU. In
order to highlight differences in the projected radial structure be-
tween the two datasets, the profile for each image was normalised
to its maximum.
we repeat the same analysis as a function of radial velocity
in Sect. 3.3.1.
As well as the vertical displacement from the midplane,
the same Gaussian fits on the moment-0 images yield ver-
tical standard deviations σobs as a function of midplane
location. Assuming that the disk is edge-on and that its
true vertical structure can be represented by a Gaussian (of
standard deviation defined as the scale height H), we can
derive H by simply deconvolving σobs by the observed in-
strumental resolution projected along the vertical axis, i.e.
H =
√
σ2obs − σ2res. The resulting scale height as a function
of midplane location is shown in the bottom row of Fig. 3.
Given the near edge-on geometry of the disk, its rather flat
appearance is unsurprising, as the scale height observed on-
sky at any midplane location will tend to trace the scale
height at the disk’s orbital outer radius. As such, in Sect.
3.3.1 we add the velocity information from the data cube to
retrieve the scale height dependence on the orbital radius
and explore its relation to the disk temperature.
3.3 Velocity information
In order to understand the 3D gas disk kinematics and ex-
tract its vertical and azimuthal structure, we analyse the CO
dataset through position-velocity (PV) diagrams, i.e. maps
of different quantities as a function of both position along
the disk midplane (xsky axis in Fig. 1) and radial velocity
vrad. In particular, we aim to link the (xsky, vrad) PV lo-
cation in these diagrams to a (x, y) location in the orbital
plane of the disk. This can be done for a given inclination
i if we assume that the gas disk is infinitely thin vertically
and in Keplerian rotation (see Appendix C for details). In
Sect. 3.3.1, we begin by analysing the sky-projected vertical
MNRAS 000, 1–21 (2016)
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Figure 3. Vertical structure of the CO disk for the J=2-1 line (blue, left column) and the J=3-2 line (red, right column), from the
moment-0 images (Fig. 1). Top: Fitting procedure to the disk’s vertical emission profiles as a function of distance along the midplane.
Coloured lines represent the measured flux as a function of distance along the vertical (ysky) axis for different midplane locations xsky.
The black dashed lines are the best-fits derived, whereas the green dashed lines (as well as the filled ellipses) represent the instrumental
resolution, centred on the best-fit Gaussian peaks yobs. Centre: Disk spine, i.e. the vertical offset of Gaussian fits yobs from the top panel
as a function of midplane location xsky. The green crosses represent the same spine derived for the dust emission from HST observations
(Apai et al. 2015). Bottom: Scale height H as a function of distance along the midplane, derived from the standard deviation σobs of
best-fit Gaussians in the top panel.
structure along ysky in PV space to derive constraints on
the disk vertical and azimuthal structure, assuming a per-
fectly edge-on disk (i = 90◦). In Sect. 3.3.2, on the other
hand, we interpret the same sky-projected vertical structure
along ysky in PV space purely as azimuthal structure for a
disk close to, but not perfectly edge-on (i < 90◦). Finally, in
Sect. 3.3.3 we carry out a PV diagram comparison between
the new CO J=2-1 and the archival J=3-2 dataset.
3.3.1 CO 3D structure in the edge-on assumption
In Fig. 4, we show PV diagrams of CO J=3-2 and J=2-
1 line flux obtained by integrating emission vertically (i.e.
along the ysky axis in Fig. 1) within 20 AU above and be-
low the disk midplane, including all significant disk emis-
sion. The spectro-spatial resolution is given by the projec-
tion of the restoring beam along the disk midplane xsky,
combined with the velocity resolution along vrad. The two
CO transitions show similar PV structure, consistent with
a near edge-on gas disk in Keplerian rotation around a 1.75
M star (Crifo et al. 1997). Diagonal lines on the diagrams
represent different radii R in the orbital plane of the disk
(Appendix C), which we here assume to be perfectly edge-
on; we can use this to constrain the disk’s radial extent in
the orbital plane to between ∼50 and ∼220 AU. For both
transitions, two flux enhancements are observed; one in the
resolved SW clump, approaching us at a velocity vrad be-
tween 3 and 4 km/s and sky-projected midplane location
xsky between 60 and 90 AU. The other enhancement, less
pronounced, is found around the projected stellar location
and radial velocity (xsky, vrad) ∼ (0, 0). As the latter is not
observed towards the star in the moment-0 images, it is likely
MNRAS 000, 1–21 (2016)
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Figure 4. Position-velocity (PV) diagrams of the β Pic disk,
showing CO intensity as a function of position along the disk
on-sky midplane xsky and radial velocity vrad for each of the
two transitions observed. The black asterisk represents the stellar
position, while the solid white curves are the maximum radial ve-
locity observable in an edge-on Keplerian disk around a 1.75 M
star. The yellow rectangle in the bottom left corner represents the
spectro-spatial resolution. The dashed white lines represent dif-
ferent radii R in the orbital plane of the disk, assuming Keplerian
rotation (see Appendix C).
due to the larger disk volume per velocity channel probed at
low compared to higher radial velocities. Another difference
lies in the NE side of the disk, where there is a clear deficit
of J=3-2 compared to J=2-1 emission at large radii and low
radial velocities (Fig. 4). This suggests that J=2-1 emission
is detected extending further out in the disk on the NE side
compared to J=3-2 emission.
As mentioned above (again, see Appendix C for details),
for a disk in circular Keplerian rotation, each PV location
(i.e. each (xsky, vrad) spaxel) in the diagram corresponds to
a radius R and hence an (x,±y) location in the orbital plane
of the disk. The degeneracy in the sign of y, however, means
that each spaxel traces two orbital locations, (x,+y) and
(x,−y). Thus, we do not know how much flux belongs to
either of the two locations; we only know that the sum of
the two fluxes must equal that of the original spaxel. This
leads to an infinite number of possible deprojections; Fig.
5 shows the two that are most likely physically plausible,
as justified by dynamical models (see Sect. 5.1 and Dent
et al. 2014). We obtained these by placing all of the spaxel
emission in the NE side (negative xsky) at −y (i.e. in front
of the sky plane) and that in the SW (positive xsky) at ei-
ther +y (i.e. behind the sky plane, left column in Fig. 5)
or −y (right column in Fig. 5). The direction of rotation
is known to be clockwise from the sign of the observed ra-
dial velocity. The central ±30 AU from the star are masked
as our spectro-spatial resolution is not sufficient to deter-
mine orbital locations accurately. These deprojected images
of CO J=3-2 and J=2-1 line emission reveal the azimuthal
structure of the disk; on the SW side, the clump peaks at
φ ∼ ±32◦ (measured from the positive xsky direction), with
a tail of emission extending to either the front or the back
of the star along the line of sight direction. Depending on
the system configuration, emission on the NE side can be
interpreted either as the continuation of the tail originating
from the SW clump (right column), or as a separate dimmer
clump at φ ∼ +212◦ with its own tail also extending into
the line of sight to the star (left column).
In Section 3.2 we analysed the spectrally-integrated disk
vertical structure along ysky as a function of position along
the disk midplane xsky. Given our velocity information, how-
ever, it is more insightful to measure the disk spine and
width separately for each of the radial velocities vrad at
which the disk is detected, using the same procedure as out-
lined in Appendix B. This yields a measurement of the sky-
projected scale height H and of the disk vertical offset from
the main disk midplane yobs as a function of position along
the midplane xsky and radial velocity vrad. In other words,
we obtain a PV diagram (shown for the J=2-1 transition in
Fig. 6).
The anti-clockwise tilt (dPA=PAobs-PAmain disk) ob-
served in the moment-0 images (Fig. 3) is also present
throughout the radial velocity channels, with CO at neg-
ative radial velocities (SW) being vertically displaced above
CO at positive velocities (NE). Some substructure is ob-
served, with an enhanced vertical displacement at low radial
velocities (hence large orbital radii) on the NE side, and a
decreased displacement at high radial velocities (hence small
orbital radii) on the SW side. In addition, a positive vertical
offset of disk emission along the line of sight to the star (en-
hanced at positive velocities) is present. These local features
are marginally significant at the typical 0.5-1 AU 1σ uncer-
tainty on vertical offsets in each spaxel; their interpretation
in terms of a putative 3D warp structure requires detailed
dynamical modelling, and is beyond the scope of this work.
The scale height also presents significant PV structure
in the form of a gradient from low values at high radial ve-
locities to high values at lower radial velocities (Fig. 6, bot-
tom). For the assumed perfectly edge-on configuration, and
given that assuming Keplerian rotation different diagonal
lines represent different orbital radii, this gradient is repre-
sentative of an increase in the disk scale height as a function
of orbital radius. Indeed, if we assign an orbital radius R to
each PV location (Appendix C) and assume the disk scale
height to be azimuthally symmetric, in Fig. 7 (top) we show
that the scale height H scales as
H = 7.0+0.6−0.6 ×
(
R
85AU
)0.75+0.02−0.02
. (1)
The error bars (1σ) in Fig. 7 (top) represent the uncertainty
in the derivation of both the scale height H and the orbital
radius R. The error on the scale height was calculated from
MCMC fits as described in Appendix B, whereas the error
on the orbital radius R was propagated from the uncertainty
on the PV location (assumed to be equal to the size of a
spaxel).
Assuming the CO disk to be vertically isothermal and in
hydrostatic equilibrium, the scale height can then be used
to trace the disk temperature at a certain orbital radius
MNRAS 000, 1–21 (2016)
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Figure 5. CO emission in the (x, y) orbital plane of the disk, derived from the
(
xsky, vrad
)
information in the PV diagrams for the J=2-1
transition (top) and for the J=3-2 transition (bottom), under the assumption of a perfectly edge-on disk. The two columns represent two
plausible deprojections of the PV diagrams, justified by the dynamical scenarios proposed in Dent et al. (2014). The asterisk represents the
location of the star, with the inner and outer dashed circles representing deprojected radii of 50 and 220 AU. The ’fishbone’ appearance
is caused by the finite velocity resolution of the dataset, with any radial velocity tracing a characteristic curve in the displayed (x, y)
space. The central ±30 AU have been masked due to all y locations approaching zero radial velocity along the line of sight to the star,
rendering the deprojection highly degenerate.
through T = GM∗µ
kNA
H2
R3
, where G is the gravitational con-
stant, M∗ is the mass of the star, µ is the mean molecular
mass of the gas, k is Boltzmann’s constant, and NA is Avo-
gadro’s number. We here assume the gas to be dominated
by the carbon and oxygen atoms released from CO pho-
todissociation, giving a mean molecular mass µ = 14 (see
Sect. 5.3). We can then use our measured dependence of the
scale height on radius to derive the radial dependence of the
gas temperature in the β Pic disk (Fig. 7, bottom). This
decreases as a function of radius, scaling as
T =
(
2.1+0.4−0.4 × 102
)× ( R
85AU
)−1.58
(2)
where T is in K and R is in AU. No temperature in-
crease/decrease is seen at the clump location compared to
the rest of the disk, which is in line with the expectation
that the CO, after release, should quickly collide and couple
to the rest of the atomic disk (again, see discussion in Sect.
5.3).
3.3.2 CO 3D structure for a non-edge-on configuration
In the previous section, we neglected a potential deviation
of the disk inclination from perfectly edge-on, which has
been proposed before through modelling observations of op-
tical and near-IR scattered light from the dust disk (e.g.
Ahmic et al. 2009; Milli et al. 2014). If the disk is inclined
from edge-on, the vertical structure becomes coupled with
the azimuthal structure. On one hand, this means that our
derivation of the disk scale height and temperature in the
MNRAS 000, 1–21 (2016)
8 L. Matra` et al.
Figure 6. Position-velocity diagrams of both the CO J=2-1 disk
vertical offset yobs with respect to the main dust disk (top) and of
the disk scale height H (bottom), for an assumed perfectly edge-
on disk. These measurements were obtained through Gaussian
fitting of measured fluxes along cuts perpendicular to the disk
midplane (as displayed in Fig. 3) repeated for each radial velocity
channel.
previous section may be in part biased by the edge-on as-
sumption. On the other hand, we can interpret the vertical
displacement yobs of the disk from the midplane (i.e. the disk
spine) purely as an effect of azimuthal structure seen at an
inclination i < 90◦.
Using the observed vertical displacement yobs measured
at each PV location (xsky, vrad) (see Fig. 6 top) we can de-
termine whether CO emission originates in front or behind
the plane of the sky (i.e. at + or −y in Fig. 5). This is
because for a given orbit, characterised here by its inclina-
tion from face-on i and its on-sky tilt angle dPA, an on-sky
location (xsky,orb,+ysky,orb) at radial velocity vrad will cor-
respond to either orbital location (x,+y) behind the sky
plane or (x,−y) in front of the sky plane. Then, in the pres-
ence of a ±y asymmetry in the orbital plane of the disk,
the flux contribution from the two on-sky vertical locations
+ysky,orb and −ysky,orb will differ and the vertical centroid
yobs of the CO emission will be displaced from the mid-
plane. As described in Appendix D, we use this vertical dis-
placement to infer the level of CO emission originating from
(xsky,orb,+ysky,orb) as opposed to (xsky,orb,−ysky,orb) in the
sky plane.
Figure 7. Top: Measured dependence of the CO disk scale height
on orbital radius, derived from the PV diagrams in Fig. 6 (bot-
tom) assuming Keplerian rotation. Each point corresponds to a
spaxel in the J=2-1 PV diagram. Bottom: Radial dependence of
the temperature derived from the scale height under the assump-
tion of a vertically isothermal disk. In both plots, the red lines
are constructed by randomly picking 1000 values of our fitting
parameters (intercept and slope in log-log space) from their joint
posterior probability distribution. The best-fit power law coeffi-
cients are displayed in the top right of the diagrams, with their
respective 1σ uncertainties. The blue lines represent model pre-
dictions by Kral et al. (2016).
A degeneracy remains in that we do not know which be-
tween +ysky,orb and −ysky,orb is in front or behind the plane
of the sky. This may be solved using scattered light imaging,
since material in front of the star will appear brighter than
behind the star, owing to the phase function of the grains be-
ing peaked towards and hence favouring forward-scattering
angles (e.g. Milli et al. 2015). For β Pictoris, scattered light
emission above the midplane is seen to be brighter than be-
low the midplane (e.g. Golimowski et al. 2006); that sug-
gests that dust at +ysky lies preferentially in front of the
star, whereas dust at −ysky is located behind the star. How-
ever, this does not take into account that in the presence of
an azimuthal asymmetry there may be an excess of material
above the midplane, which would affect the above argument
by leading us into interpreting the observed flux excess as a
phase function effect.
As the method produces a model data cube for a given
orbit, we can compare different orbits and hence find how
well different (i,dPA) combinations fit the data (see Ap-
pendix D and χ2 map in Fig. D2). We note once again that
this approach does not take into account any intrinsic disk
vertical structure (and in particular its dependence on or-
bital radius) nor any uncertainty in the determination of the
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Figure 8. Face-on deprojection of CO disk emission, derived from
the velocity information in the PV diagrams for the J=2-1 tran-
sition, for two cases of disk inclination i and on-sky tilt angle
dPA. Flux at each x location has been divided between + and
-y locations in the orbital plane displayed here using the vertical
displacement yobs of disk emission in the plane of the sky (Fig.
6, top), using the method described in Appendix D. Though the
(i, dPA) choice for the deprojection in the top panel is formally
the best-fitting in the framework of our simple model (see main
text for details), the image in the bottom panel reproduces well
the expected morphology from resonant trapping of planetesimals
due to an outward migrating planet.
vertical displacement yobs from the on-sky midplane. Keep-
ing this in mind, we find that the formal best-fit (i.e. the χ2
minimum) is at i ∼ 88◦ and dPA ∼ 3◦, though we consider
all inclinations ≥ 86◦ and on-sky tilt angles ≤ 5◦ to provide
reasonable fits.
Of course, for any choice of (i,dPA), we can use our
method to produce a map of emission in the orbital plane
of the disk, as we now have determined what fraction of
emission belongs to +y and to −y for a given x. Fig. 8 shows
two examples, for our formal best-fit orbit (i = 88◦, dPA =
3◦) and in the case of a lower inclination (i = 86◦) and no
on-sky tilt (dPA = 0◦). We report two main findings:
• The majority of the flux from the CO clump on the SW
side of the disk is located above the sky-projected disk mid-
plane for any reasonable choice of i (≥ 86) and dPA (< 5◦).
This confirms that the flux in the sky-projected clump does
originate from a physical clump, located either behind or
ahead of the sky plane (due to the aforementioned degener-
acy).
• The disk deprojection obtained for a lower inclination of
86◦ and no dPA qualitatively reproduces well the resonance
sweeping scenario proposed in Dent et al. (2014) and based
on previous work by Wyatt (2003, 2006), with two clumps on
opposite sides of the star and their respective trailing tails
(see discussion in Sect. 5.1). Further 3D modelling taking
into account at the same time the disk vertical and azimuthal
structure as well as its geometry is needed to rule out or
confirm this possibility.
3.3.3 CO 3-2/2-1 line ratio
In order to better investigate morphological differences be-
tween the two transitions, we combined the J=2-1 and J=3-2
PV diagrams to obtain line ratios in each position-velocity
spaxel. As such ratios can be extreme in noise-dominated re-
gions, we facilitate visualisation by only displaying ratios in
spaxels where either CO J=3-2 and J=2-1 emission is over
4σ (where σ is the RMS noise level measured in each PV dia-
gram). A detection at 3-2 but only an upper limit at 2-1 will
then lead to a lower limit on the line ratio, and conversely
a detection at 2-1 but not at 3-2 will lead to an upper limit
on the ratio. Such line ratio PV diagram is shown in Fig. 9
(left), with the corresponding uncertainty diagram in Fig. 9
(right). At each spaxel, the uncertainty is the quadratic sum
of the relative errors on the flux for the two original PV dia-
grams, where these are given by the RMS levels. We here do
not take into account the 10% flux calibration error on each
dataset, since we are here most interested in the presence of
gradients rather than in the absolute value of the ratios.
The line ratio PV diagram shows a noticeably different
structure to the flux PV diagrams for the individual transi-
tions in Fig. 4. In particular, the line ratio shows no evidence
of the CO clump nor the NE/SW asymmetry. On the other
hand, it shows a significant gradient where the line ratio is
seen increasing from low values at low radial velocities to
high values at high radial velocities, for any given on-sky
midplane location. On the NE side, where individual line
fluxes are generally dimmer than in the SW side (see Fig.
4), this causes a non-detection of the 3-2 line at low veloci-
ties (as illustrated through the upper limits on the ratios).
This then explains the differences between the two lines that
were already apparent from the individual moment-0 images
and PV diagrams (Fig. 1 and 4), with 2-1 emission lying at
larger projected radii than the 3-2 line on the NE side of the
disk. The physical significance of this gradient is explored
through modelling in Sect. 4 below.
4 LINE RATIO MODELLING
Through detailed analysis of resolved ALMA CO J=3-2 and
CO J=2-1 line observations, we unveiled the radial, vertical
and azimuthal structure of CO line emission in the β Pictoris
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Figure 9. Left: CO J=3-2/J=2-1 line ratio position-velocity diagram of the β Pic disk. Only spaxels where either CO transition is
detected (at ≥4 σ) are shown; downward arrows indicate spaxels where only the J=2-1 transition was detected. The white asterisk
represents the stellar position and velocity, while the solid white curves are the maximum radial velocity observable in an edge-on
Keplerian disk around a 1.75 M star. The yellow rectangle in the bottom left corner represents the spectro-spatial resolution. Right:
Percentage error map of the line ratio PV diagram, where this can only be quantified in spaxels where both transitions are detected.
disk. Under the assumption that the system is viewed per-
fectly edge-on, we interpreted the scale height observed as a
function of orbital radius to give us an estimate for the tem-
perature of the gas and its radial dependence. We then re-
laxed the edge-on assumption and interpreted the observed
vertical structure as solely caused by azimuthal structure,
in order to break the degeneracy in deprojecting PV dia-
grams to the disk orbital plane. Finally, we analysed the
CO 3-2/2-1 line ratio PV diagram and discovered a signifi-
cant gradient with the ratio increasing with radial velocity
at any given midplane location. In this section, we aim to
use the non-local thermodynamic equilibrium (NLTE) anal-
ysis of CO excitation developed in Matra` et al. (2015) to
interpret these line observations (particularly resolved line
ratios) in terms of the physical conditions, origin and mass
of CO in the β Pic disk.
4.1 Second generation: NLTE line ratios as a
probe for electron densities
We begin by assuming CO line emission to be optically thin
at the wavelengths of the observed transitions, and double-
check this assumption later in Sect. 4.3. In this regime, CO
excitation and hence line ratios are only dependent on the
kinetic temperature Tk and the collisional partner density
ncoll, for the known external millimetre radiation field Jν at
the frequency of the transitions in question. In a scenario
where the gas is of second-generation origin, the dominant
collisional partners for which collisional rates are available
are electrons, which originate from the photoionisation of
atoms created by rapid CO photodissociation. In the ab-
sence of H2, electrons are more efficient colliders than H2O
(Matra` et al. 2015), but also H i, since the latter, despite be-
ing potentially∼6 times more abundant than electrons (Kral
et al. 2016), is on average a much less efficient collider. For
example, collisional de-excitation of a CO molecule from ro-
tational level 3 to 2, for the given H i/e− abundance of 6
happens at a rate that is (γ3−2,H inH i)/(γ3−2,e−ne−) ∼ 50
times faster for electron collisions than for H i collisions1.
Nonetheless, it is useful to keep in mind that other less domi-
nant species may contribute to observed CO collisional exci-
tation, which implies that the electron densities probed here
should strictly speaking be considered upper limits.
Fig. 10 (top) shows the J=3-2 / J=2-1 line ratios ex-
pected for CO that is excited by collisions with electrons and
by millimetre radiation from the cosmic microwave back-
ground (CMB, which dominates over the dust continuum
for low CO transitions), as a function of the electron density
ne− and the gas kinetic temperature Tk. Each ratio traces a
line in (Tk, ne−) space, since these are the only free parame-
ters. For ne− , we explore the parameter space between 10
−1
and 106 cm−3, encompassing the transition between the two
limiting excitation regimes (LTE and radiation-dominated,
Matra` et al. 2015). For the kinetic temperature of the gas, we
probe a broad range of Tk between 5 and 2000 K to illustrate
the behaviour of the line ratios. Its true value depends on
the detailed balance between local heating and cooling pro-
cesses in the gas disk. Our temperature estimates from the
CO scale height (Sect. 3.3.1) suggest values between 40 and
a few hundred K between 50 and 200 AU, whereas detailed
thermodynamical modelling of the disk suggests values be-
tween 30 and 80K at the same radii (Kral et al. 2016). In
any case, we expect the gas kinetic temperature to be above
a few tens of K throughout the disk.
These predictions can then be compared with our mea-
surements, tracing lines overplotted on Fig. 10 (top). Above
1 Collisional rate coefficients γ were obtained from Dickinson &
Richards (1975) for electrons and from Walker et al. (2015) for
H i
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Figure 10. Colour maps of the J=3-2/2-1 line ratio expected in
an optically thin disk as a function of the density of the dominant
collider species and the kinetic temperature of the gas. The dom-
inant collider species is electrons in a secondary origin scenario
(top), and H2 in a primordial origin scenario (bottom). Contours
represent minimum and 90th percentile values observed in our
ratio PV diagram (Fig. 9)
kinetic temperatures of ∼30 K, the vast majority (up to
∼90th percentile) of the line ratios observed in the β Pic
disk (from spaxel values in Fig. 9) are very good probes of
the electron density, being largely independent of the choice
of kinetic temperature. On the other hand, if the electron
densities were high enough for CO to reach local thermody-
namic equilibrium (LTE, right edge of the colour map), the
line ratios would be higher and become solely dependent on
the kinetic temperature. While a unique solution for Tk and
ne− is only obtainable with two (or more) line ratios, our
measurements can confidently constrain the electron density
in the disk to around 102-103 cm−3.
This allows us to attribute the gradient of increasing
CO line ratio with radial velocity observed in the PV dia-
grams (Fig. 9, left) to the electron density distribution in
the disk. Since we want to measure the electron density as
robustly as possible, we mask the highest 10% of the line
ratios (i.e. those above 3.80), which arise preferentially from
high-noise regions of the PV diagram, and have a stronger
kinetic temperature dependence. For the remaining line ra-
tios, this temperature dependence is much weaker, so any
assumption we make is not going to affect the result signif-
icantly. As such, we assume the temperature radial profile
predicted by Kral et al. (2016), i.e. a power law with slope
of −0.8, normalised to a value of 80 K at 50 AU. Using
the temperature radial profile derived from our scale height
measurement in Fig. 7 (bottom) yields analogous results.
Each location in the PV diagram traces a certain or-
bital radius within the disk (Appendix C). This way, we
can solve for the radial dependence of the electron density,
which is shown in Fig. 11, left. The uncertainty on ne− was
propagated from that of the line ratio, assuming a perfectly
known Tk from the models; the uncertainty on the radius,
on the other hand, was calculated from the uncertainty in
the (xsky, vrad) location within a spaxel in the PV diagram.
Since we are most interested in the radial dependence rather
than on the absolute value of the electron density, we have
not included sources of systematic error that may shift all of
the observational points in our plot (e.g. an error on M∗ or
i may cause an overall shift in the radial direction, whereas
the ALMA flux calibration systematic may cause an overall
shift in the ne− direction).
The electron density in the disk shows a power law ra-
dial dependence between 40 and 200 AU (i.e. where the CO
is detected), with a slope of γ ∼ −1; this is in line with the
prediction by the Kral et al. (2016) model, which we will
discuss in more detail in Sect. 5.3.
4.2 Primordial origin: H2 densities from line
ratios
In the previous section, we derived constraints on the density
of electrons using the CO line ratios, where we assumed a
gas disk of secondary origin, as already suggested by the
CO morphology and short survival timescale (Dent et al.
2014). However, we note that the disk could still contain
large amounts of unseen H2, which may itself shield CO
and allow it to survive since the protoplanetary phase of
evolution. This would imply a primordial origin for the gas
disk. In such scenario, H2 dominates the disk gas mass and
will act as the dominant collider species for CO excitation.
Then, we can use the same line ratio analysis as in the
previous subsection to estimate the H2 density. Fig. 10, bot-
tom shows the dependence of the 3-2/2-1 line ratios mea-
sured on Tk and nH2 . Though once again for the highest line
ratios the temperature dependence becomes stronger and we
cannot make an accurate prediction, the large majority of
the measured ratios have a weak temperature dependence.
We can therefore use them to estimate the H2 density, and
use the PV diagram to once again obtain the radial depen-
dence of nH2 , shown in Fig. 11, right. We find that if H2 were
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Figure 11. Electron density (left) and H2 density (right) as a function of deprojected radius derived from the PV ratio diagram in Fig.
9 using the NLTE analysis as displayed in Fig. 10, and assuming temperatures predicted by the hydrodynamical model of Kral et al.
(2016). Line ratios higher than 3.8 were masked due to their strong dependence on kinetic temperature, which only adds noise to the
diagram. For the remaining line ratios, our temperature choice does not influence the resulting electron densities strongly. Error bars in
both directions were derived from uncertainties in the line ratio and deprojected radial location.
to make up the bulk of the gas disk, its density would be
between 103 and 105 cm−3 at radii between 50 and 200 AU.
Strictly speaking, these values should be considered upper
limits, as the presence of other collider species, here unac-
counted for, would lower the derived H2 densities necessary
to maintain the observed level of CO excitation. The H2
density levels we derive are much below values observed and
expected from theoretical models for protoplanetary disks
(e.g. Boneberg et al. 2016), proving that the gas content of
the β Pic debris disk is intrinsically different in molecular
hydrogen content to a typical primordial disk, and is insuf-
ficient to allow CO survival over the system’s lifetime (see
discussion in Sect. 5.4).
4.3 Optical thickness and total CO mass
Analysing the 3-2/2-1 line ratio also allows us to set im-
proved constraints on the total CO mass in the system.
Dent et al. (2014), having only information on the J=3-2
integrated line flux, obtained a value within a factor 2 of
2.85×10−5 M⊕, assuming optically thin emission and exci-
tation temperatures Texc between 20 and 85 K. We hereby
test both these assumptions and their implications on the
derived CO mass.
For optically thin emission, the excitation temperature
corresponds to the kinetic temperature only if LTE applies;
in NLTE the discrepancy between the two can be significant,
with Texc << Tk. In fact, our measured disk-integrated line
ratio of 1.9 ± 0.3 corresponds to an excitation temperature
Texc = 12± 4 K, which may appear low, but is entirely con-
sistent with the expectation of NLTE. In order to calculate
the CO mass from a given CO integrated line flux (we here
choose the J=2-1), we need to know the fractional popula-
tion of the upper level of the transition, where this can be
obtained for each of the (Tk, ne−) pairs traced by the con-
tour of our disk-integrated line ratio in Fig. 10 (top). The
intrinsic (Tk, ne−) degeneracy implies that a range of CO
masses will be possible.
We estimate the range of possible CO masses us-
ing Monte-Carlo methods. We assume both integrated line
fluxes to follow a Gaussian probability distribution with
standard deviation equal to the quoted uncertainty (which
includes the absolute flux systematic added in quadrature to
the noise level from the cube). For each integrated line flux,
we sample this Gaussian 104 times and for each sample cal-
culate the line ratio, which will itself be sampled 108 times.
For each line ratio we calculate possible (Tk, ne−) pairs (i.e.
draw a contour on Fig. 10, top) and randomly draw one of
these pairs, assuming a uniform underlying (Tk, ne−) distri-
bution. This pair will yield a value for the fractional popu-
lation of the upper level of the transition in question (x2),
which then, combined with a sample of the integrated line
flux (F2−1), yields a sample for the CO mass (through Eq. 2
in Matra` et al. 2015). Repeating this procedure for the large
number of samples drawn from the measured distributions
of integrated line fluxes yields a probability distribution for
the total CO mass in the disk. The CO mass range obtained
is 3.4+0.5−0.4× 10−5 M⊕, representing the (50+34−34)th percentiles
of this distribution.
Low line ratios and hence excitation temperatures, such
as observed in β Pic, can also be symptomatic of optical
thickness of the CO line (e.g. Flaherty et al. 2016). Opti-
cal thickness can be tested through observations of CO iso-
topologues such as 13CO and C18O, assuming interstellar
isotopic ratios (e.g. Ko´spa´l et al. 2013); there is however no
direct measurement of these at millimetre wavelengths in β
Pic. Another possibility is to estimate it directly through its
definition,
τν =
hν
4pi∆ν
(xlBlu − xuBul)N, (3)
where h is Planck’s constant, ν is the frequency of the tran-
sition in Hz, ∆ν is the line width in Hz (a rectangular line
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profile is assumed), xu and xl are the fractional populations
of the upper and lower energy level of the transition, respec-
tively, N is the CO column density along the line of sight in
m−2, and Blu and Bul are the Einstein B coefficients for the
upward and downward transition. In our case, we measure
xu, xl and N under the optically thin assumption, and use
them to verify that the optical thickness is indeed < 1. We
follow this procedure in the PV spaxel where the CO flux is
highest, and hence where we would expect the optical thick-
ness to be highest. This corresponds to the location of the
clump at a radial velocity of −3.5 km/s and midplane loca-
tion of 75 AU to the SW of the star. The line ratio measured
here is 2.3± 0.3; from this, we can derive possible (Tk, ne−)
combinations, and corresponding combinations of fractional
populations x3 and x2. The column density in the spaxel
can then be estimated through a modified version of Eq. 2
in Matra` et al. (2015),
N =
4pid2
hνu,lAu,l∆A
Fu,l
xu
, (4)
where d is the distance to the star, Au,l is the Einstein A
coefficient of the transition, Fu,l is the integrated line flux
observed, and ∆A is the on-sky area of the line-of-sight col-
umn. Applying this column density to Eq. 3, we obtain an
optical thickness τ3−2 = 0.27 ± 0.05 for the 3-2 line at the
clump location, where the error takes into account both the
intrinsic (Tk, ne−) degeneracy and the observational uncer-
tainties on the observed fluxes F3−2 and F2−1. This value of
the optical depth τ3−2 derived at the clump location can be
interpreted as an upper limit to the optical depth, which is
likely lower in the rest of the disk, showing that our assump-
tion of optically thin CO emission is a good approximation
to the physical conditions in the β Pic disk. This is also sup-
ported by the absence of the SW clump in the PV diagram
of the CO line ratio, as opposed to the CO J=3-2 or J=2-1
PV diagrams; this indicates that CO excitation is indepen-
dent of the CO column density and hence no optical depth
effects are at play.
It is valuable to note that increasing the clump CO den-
sity by an order of magnitude would have resulted in CO
millimetre emission being optically thick along the line of
sight to Earth. A similar argument applies for the vertical
optical thickness of CO to UV light, which allows CO to
self-shield against photodissociation and hence prolong his
survival timescale in the disk (see Sect. 5.2.2, and Visser
et al. 2009). Despite the low levels observed, if the total CO
mass or the clump CO density were only an order of mag-
nitude higher, the CO would have survived longer than an
orbital timescale at 85 AU, significantly reducing the az-
imuthal asymmetry observed and casting significantly more
uncertainty on its secondary nature. This suggests that sig-
nificant optical thickness in a second generation gas disk can
be easily attained for CO production rates slightly higher
than observed in β Pictoris; as such, observations of opti-
cally thick, azimuthally symmetric CO in debris disk sys-
tems (e.g. HD141569A and HD21997, White et al. 2016;
Ko´spa´l et al. 2013), should not be treated as sufficient proof
for a primordial disk origin. In such cases, multi-transition
observations of optically thin isotopologues are necessary to
probe the H2 densities in the disk (Sect. 4.2), and discern
between the primordial and secondary origin scenarios (Sect.
5.4).
5 DISCUSSION
5.1 Radially resolved CO clump: pointing towards
the resonant migration scenario
Dent et al. (2014) brought forward two possible dynamical
scenarios to explain the origin of the clumpy morphology in
the CO disk. The first (explaining an azimuthal morphol-
ogy like shown in Fig. 5, right column) is a recent impact
between planetary bodies, releasing dust and planetesimals
that once created follow a range of orbits around the star.
Crucially, all these orbits have to cross at the original im-
pact location, where they cause enhanced collisional activity
(Jackson et al. 2014; Kral et al. 2015), which is very confined
spatially. This location is fixed in time, so dust and/or gas
density enhancement produced should also remain station-
ary.
The second scenario (explaining an azimuthal morphol-
ogy like shown in Fig. 5, left column, or Fig. 8, bottom) con-
sists of a planet migrating outwards and trapping planetes-
imals in its 2:1 and 3:2 resonances (Wyatt 2003, 2006). The
accumulation, or outward sweeping, of these planetesimals
at the resonance locations causes once again an increase in
collisional activity, causing enhanced dust and/or cometary
gas production. Due to the shape of the resonant orbits of
the planetesimals, the azimuthal structure predicted consists
of two clumps of unequal brightness at ±90◦ azimuth with
respect to planet, which in Fig. 8 (bottom) would be located
at ∼+302◦ anticlockwise with respect to the positive x axis.
These clumps can be quite extended radially, depending on
the eccentricities of the planetesimals that are trapped into
resonance. The higher these eccentricities, which correspond
to a larger extent of planet migration, the broader the re-
gion of enhanced collisional activity (see e.g. Fig. 6 in Wyatt
2003). In addition, the clumps are expected to move, rotat-
ing with the orbital period of the planet.
The improved sensitivity and resolution of the new
Band 6 dataset allowed us to detect CO J=2-1 emission be-
tween ∼50 and ∼220 AU. At the azimuthal location of the
brightest SW clump spaxel (Fig. 5), CO emission is detected
over a range of at least ∼100 AU in radius, where this ex-
tent is clearly resolved at the resolution of the observations
(∼5.5 AU along the x axis). This can mean two things: ei-
ther CO is released over a range of radii, favouring eccentric
planetesimals trapped in resonance in the planet migration
scenario, or CO is released at a point-like location in the
giant impact scenario and can spread radially in a timescale
much shorter than the orbital timescale.
In order to understand the dynamics of CO, we need
to understand its surrounding environment. Molecules re-
leased from cometary ices (e.g. CO itself, see next section)
are short lived due to the short photodissociation timescales,
and go on to form an accretion disk that is dominated by
their long-lived atomic photodissociation products (see Sect.
5.3). Therefore, production of fresh CO will happen within
the atomic gas disk that is already in place. As such, re-
gardless of the dynamics of its release, any CO produced
will rapidly collide and couple to other species in the disk,
losing the dynamical ’memory’ of its production and follow-
ing the atomic gas in Keplerian rotation around the star.
To verify this, we estimate the collision timescale between
CO and C ii, which is created via photoionisation of C i pro-
duced by CO photodissociation. This can be estimated as
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τCO−C ii = (σnv)−1, where n is the number density of the
C ii gas, v is the relative velocity of the collision, and σ is
the cross-section of the ion-neutral collision. We estimate
the latter through (McDaniel 1964; Beust et al. 1989)
σCO−C ii =
√
piq2α
0µ′
1
v
(5)
where q is the charge of the ion, α is the polarisability of
CO, 0 is the vacuum permittivity, µ
′ is the reduced mass of
the system, and v is again the relative impact velocity. For
the C ii number density, we adopt the value predicted at 85
AU by Kral et al. (2016) (∼150 cm−3), whereas the relative
velocity cancels out through the cross-section expression.
The timescale for CO-C ii collision obtained is 0.19
years, much shorter than both the orbital and photodissocia-
tion timescales at 85 AU (∼600 and∼300 years, respectively;
see Sect. 5.2.2). Given that there are many more gas species
present than just C ii, this should be taken as an upper limit
on the collision timescale. This means that CO will quickly
couple to the surrounding gas, proceeding in Keplerian ro-
tation. It also means that to reproduce the observed radial
width, if released at a point-like production location, CO
must spread to a width of ∼ 100 AU before colliding with
the surrounding atomic gas. For a CO molecule to travel
∼ 50 AU in less than 0.19 years, under the simplifying as-
sumption of a constant expanding velocity, it would have to
be released (and travel) at an implausible velocity of at least
∼1200 km/s. Since such high CO velocities are not observed,
a point-like production location such as predicted in the gi-
ant impact scenario is ruled out. In turn, this implies that
CO needs to be produced at a wide range of radii, leaving
resonant sweeping due to outward planet migration as the
only dynamical scenario proposed to date that can viably
explain the observed CO morphology.
5.2 The ice content of β Pic’s exocomets
5.2.1 Secondary molecular gas production
The augmented collisional activity produced by a dynam-
ical scenario such as resonant trapping due to planet mi-
gration favours release of volatiles from cometary ices, ei-
ther through direct release from cometary break-up (Zucker-
man & Song 2012) or UV photodesorption (Grigorieva et al.
2007). Thermal desorption (i.e. sublimation) of CO can be
ruled out since we are far within the system’s CO snow line,
meaning that CO cannot last on the ice surface. On the other
hand, as much as 50% of the original CO ice content can
remain trapped in other ices, e.g. water ice (Collings et al.
2003), and can therefore be released with them. Then, in the
presence of a collisional cascade, volatile release is favoured
through the collisions themselves or through the exposure of
fresh ice that is then subject to rapid UV photodesorption.
Grigorieva et al. (2007) analyse the latter effect in detail,
showing that in the β Pic disk the desorption timescale of
water ice (and hence CO with it) is shorter than the col-
lisional timescale only for particles of size below ∼20 µm.
Hence, in the absence of direct collisional release, the ma-
jority of the ice would be retained through the top part of
the collisional cascade and released mostly at the bottom of
it.
Assuming water and CO ice to be well mixed (which
should be a good approximation as long as gas release occurs
from undifferentiated bodies of size below tens of km), they
will be released into the gas phase at the same production
rate through the processes discussed above. For a collisional
cascade at steady state, we can estimate the rate at which
solid mass (i.e. volatiles plus rock) is being lost from the
cascade itself through Eq. 15 and 16 in Wyatt (2008). We
take the same assumptions as in Sect. 4.4 of Marino et al.
(2016), with the additional assumptions of a uniform colli-
sion rate in a ring of planetesimals between 50 and 150 AU
(Dent et al. 2014) with a fractional luminosity Ldust/L∗ of
2.1×10−3 around a star of 8.7 L (from best-fit of the SED,
Kennedy & Wyatt 2014). The resulting total mass loss rate
from the planetesimal belt is 1.9 M⊕/Myr (or 1.2 × 1019
kg/year), where most of this release will happen in regions
of higher planetesimal mass concentration, since the above
loss rate scales with (Ldust/L∗)2 (and hence with M2belt).
Using the fraction of this solid mass that is composed of CO
ice we can obtain the release rate of CO gas, regardless of
the choice of release mechanisms discussed above.
We note that there is a considerable uncertainty on this
number, since this calculation relies on assumptions about
the unknown planetesimal strength, mean planetesimal ec-
centricities, and particle velocities (e.g. Marino et al. 2016).
In addition, the resonant scenario invoked to explain the
clumpy CO morphology would imply a much higher mass
loss rate than calculated above, particularly at the clump
location. As such, we interpret the value of 1.9 M⊕/Myr as
a lower limit estimate to the solid mass loss rate in the disk.
5.2.2 Secondary molecular gas destruction
On the other hand, the dominant destruction mechanism
is photodissociation from the interstellar UV radiation field
(ISRF), which will dominate over the stellar UV light at
all radii where CO is detected in the β Pic disk (Kamp &
Bertoldi 2000). The photodissociation timescale in an envi-
ronment that is optically thin to the UV ISRF (Draine 1978)
is ∼120 years (as assumed for β Pic in Dent et al. 2014). It is
worth noting that the Kral et al. (2016) model best fits the
atomic gas observations for an ISRF 60 times stronger than
this, in order to explain the observed high carbon ionisation
fraction in the disk. However, a similar ionisation fraction
could be attained through effects not taken into account by
the model, such as X-ray emission and enhanced UV emis-
sion from the central star. These may significantly affect
the C i/C ii levels without altering the CO photodissociation
timescale, since X-rays do not induce CO photodissociation
and stellar UV will mostly affect the CO-poor but C-rich
inner disk regions. As such, we here assume a standard level
for the UV ISRF.
The optically thin dust and the low H2 levels (see next
section) are not sufficient to attenuate this UV radiation
field. However, in the presence of CO column densities larger
than 1013 cm−2, the molecule can self-shield leading to much
longer photodestruction timescales (Visser et al. 2009). The
vertical column density at the clump location (i.e. brightest
spaxel in the PV diagram) can be estimated through Eq.
4, where now the area ∆A of the column in question is the
area in the orbital plane (Fig. 5) corresponding to the spaxel
size at that PV diagram location (Fig. 4). The CO column
density at the clump location through half of the vertical
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extent of the disk is ∼ (1.6− 1.7)× 1015 cm−2, leading to a
photodissociation timescale that is ∼2.5 times longer than
for the unshielded case (see Table 6 in Visser et al. 2009).
In addition to CO self-shielding, we consider UV atten-
uation in the vertical direction by the C i ionisation contin-
uum, which needs to be taken into account since it acts at the
same UV wavelengths as CO photodissociation. We calculate
its effect using Eq. 4 in Rollins & Rawlings (2012) and ioni-
sation cross sections from van Dishoeck (1988). We estimate
the C i vertical column density at the clump radial location
from the Kral et al. (2016) thermodynamical model, yielding
a value of 2.8×1015 cm−2. This results in a photodissociation
rate that is ∼0.96 times the unshielded rate, showing that
at 85 AU vertical shielding of CO by the C i ionisation con-
tinuum is minor compared to CO self-shielding. Using these
shielding factors, we estimate a photodissociation timescale
in the clump midplane of ∼300 years, which together with
our measured total mass of CO in the disk yields a CO mass
loss rate of 0.11 M⊕/Myr (or 6.8× 1017 kg/year).
This is under the simplifying assumption of a photodis-
sociation timescale that is constant across the disk. We note
that in reality this timescale will decrease down to the un-
shielded value as we vertically move away from the midplane.
However, most CO mass loss will occur at low heights, where
most of the CO mass lies (assuming a vertical Gaussian for
the CO number density distribution). This means that in
the region where most mass loss occurs, the vertically aver-
aged CO mass loss rate is actually well approximated by the
midplane value (< 10% decrease). As well as in the vertical
direction, the photodissociation timescale will also decrease
away from the clump in the azimuthal direction: if we assume
that the factor ∼ 5 drop in flux from the peak of the clump
to the end of the tail also represents a factor ∼ 5 drop in CO
mass and vertical column density, this corresponds to a fac-
tor ∼ 1.8 drop in photodissociation timescale. That means
that the mass loss rate will decrease by a factor 5/1.8 ∼ 2.8
across the CO tail, meaning that the average rate would be
∼32% lower than that measured at the CO clump.
The above considerations only take into account shield-
ing of CO along the vertical direction. In reality, at a given
disk location, shielding of interstellar UV radiation over the
entire 4pi solid angle should be considered. This is higher
than shielding along the vertical direction alone, as for ex-
ample the radial optical depth to UV photodissociating ra-
diation is higher than the vertical one, due to a CO column
that we can estimate to be ∼ 3 times longer (assuming a
Gaussian radial distribution at the clump location), yield-
ing a higher column density in the radial direction than in
the vertical direction. This effect implies that the average
shielding over the entire 4pi solid angle is higher, yielding a
longer disk-averaged photodissociation timescale, than cal-
culated in the vertical direction alone. Overall, we expect the
effect of a non spatially uniform photodissociation timescale
and of the increased radial optical depth to change our mass
loss rate estimate at most by a factor of a few below and
above the quoted value, respectively.
We can then relate our estimate of the photodestruction
timescale to the observed azimuthal extent of the CO tail.
In the resonant migration picture (e.g. Fig. 8, bottom), the
two clumps on the SW and NE sides of the disk are rotating
at the Keplerian angular velocity of the inner planet that
is causing the resonance (assumed to be located at 60 AU,
as in Dent et al. 2014), with the CO lagging because of its
slower Keplerian angular velocity at 85 AU. The length of
the tails can then be calculated as the azimuthal displace-
ment undertaken in one photodissociation timescale at an
angular velocity equal to the difference between that of the
inner planet at 60 AU and that of gas in Keplerian rotation
at 85 AU. Despite the uncertainties in the photodissociation
timescale calculation and in the radial location of the planet,
we obtain a value of 126◦, which is in good agreement with
the deprojection in Fig. 8, bottom. Therefore, a planet lo-
cated near the inner edge of the disk can feasibly explain
the observed CO azimuthal structure for a disk inclination
of ∼86◦ from face-on.
5.2.3 Steady state abundances and the impact of CO2
Unless we are witnessing the system shortly after a stochas-
tic event, which is unlikely, we can assume CO gas to be
in steady state, with its production rate matching the de-
struction rate. Since the production rate of CO is the total
mass loss rate from the collisional cascade (derived in Sect.
5.2.1) multiplied by the CO mass fraction in the ice, we can
obtain the latter by dividing the destruction rate (derived in
Sect. 5.2.2) by the production rate. Given that the produc-
tion rate is a lower limit, we obtain an upper limit of 6% on
the CO mass abundance in β Pic’s exocomets. However, we
note that additional CO can be produced through the CO2
molecule, which has a similar ice abundance as CO in Solar
System comets (e.g. Mumma & Charnley 2011). Whether
CO2 ice can survive as ice in the β Pic disk depends on the
temperature of the solid bodies, which in turn depends on
their size, composition and radial location. The timescale for
a CO2 molecule to sublimate from a comet surface is shorter
than an orbital timescale for temperatures >50-55 K (Sand-
ford & Allamandola 1990), which matches with the equilib-
rium temperature of a blackbody at the radial location of
the clump (85 AU). Therefore, we predict that in the inner
disk regions all surface CO2 will have disappeared, leaving
some of it trapped in other ices (e.g. water ice). This, like
CO, may then be released through collisions or H2O pho-
todesorption. In the outer regions, on the other hand, CO2
ice can survive on the surface of grains, and may be released
again through collisions or photodesorption of CO2 ice itself.
Near the radial location of the clump, sublimation of surface
CO2 itself may also be contributing to produce CO2 gas.
CO is rapidly created via photodissociation of CO2 gas
(e.g. van Dishoeck 1988) and/or photodesorption of CO2 ice
(e.g. O¨berg et al. 2009). The photodissociation timescale of
CO2 gas is considerably faster than that of CO in β Pic.
In an optically thin medium, using calculated cross sections
(Hudson 1971; Lewis & Carver 1983), the interstellar radia-
tion field as expressed in Eq. 3 in van Dishoeck (1988), and
the stellar radiation field obtain from fit to the SED, we
calculate a CO2 photodissociation timescale of 0.35 years at
85 AU, ∼100 times shorter than the CO photodissociation
timescale. While we are not aware of whether CO2 can self-
shield significantly, we suggest that to first approximation
this can be ignored, since too high a column density would
have to be produced in a very short timescale for CO2 to
be able to shield itself. Additionally, UV photodesorption
of CO2 ice can also directly contribute to CO release, since
experiments show that 20-50% of CO2 ice will be desorbed
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directly as CO (O¨berg et al. 2009). This strengthens our as-
sumption that any CO2 gas released is rapidly turned into
CO, meaning that the CO gas observed can be interpreted
to derive a collective CO+CO2 cometary abundance, which
we measure to be at most 6%.
5.2.4 Comparison with other cometary ices
In the Solar System, an ice to rock ratio of ∼1 is generally as-
sumed, and the (CO+CO2)/H2O abundance ratio observed
ranges between 2.4 and 60% (Mumma & Charnley 2011),
yielding a CO+CO2 mass abundance in the comets of 2.6
to 27.2%. Therefore, the 6% upper limit mass abundance
of CO+CO2 in β Pictoris is consistent with Solar System
cometary compositions, suggesting a broadly similar carbon
reservoir within the cometary ices of both planetary systems,
despite the differences in age and stellar type. On the other
hand, compared to the only other extrasolar system where
the presence of secondary gas has been confirmed (around
the coeval star HD181327, Marino et al. 2016), β Pic’s exo-
comets have a CO+CO2 content that is at most ∼20 times
higher (for the same assumptions in the calculation). While
the exact spatial distribution of CO in HD181327 is un-
known, the observations suggest that it should be co-located
with the dust ring at a radius of ∼86 AU from the star, very
similar to the radial location of the clump in the β Pic disk.
As the two stars belong to the same moving group, we as-
sume that they formed from the same molecular cloud, which
may suggest they should retain similar molecular reservoirs
(which this remains observationally unconstrained). Differ-
ent abundances, however, may arise if different molecule for-
mation and/or freeze-out mechanisms have been at play in
the original protoplanetary disks, which may in turn relate
to the different stellar hosts. However, any such conclusion is
highly dependent on the assumptions taken in our cometary
abundance calculation, as pointed out before. Though the
same assumptions on unknown quantities have been made
for both disks, their values may actually differ significantly
between the two systems, altering our conclusions on the
relative CO+CO2 ice abundance. Nonetheless, it is a valu-
able result that the abundances obtained give reasonable
estimates compared to the Solar System, and shows that a
new era is beginning where we can start setting Solar Sys-
tem comets into the wider context of extrasolar cometary
bodies.
5.3 An atom-dominated secondary disk
Given the short photodissociation timescales, molecules in
low gas mass environments such as secondary gas-bearing
debris disks are rapidly destroyed to form atoms. For the β
Pic disk, a recent model has been put forward by Kral et al.
(2016) that is consistent with all far-IR/sub-mm atomic line
observations of the system. The model traces the thermody-
namical evolution of the atoms released by CO photodissoci-
ation, and shows how these rapidly spread viscously from the
production point (i.e. the CO clump) to form an axisymmet-
ric accretion disk. Because of the ionisation of carbon caused
by the strong stellar and interstellar UV field, the disk is re-
quired to have a relatively high viscosity α > 0.1, which may
be explained by the onset of the magneto-rotational insta-
bility (MRI, Kral & Latter 2016). Carbon ionisation is the
dominant heating mechanism in the disk, and produces a
considerable amount of electrons, which then act as an effi-
cient collider species to excite the CO molecule and produce
the line ratios observed by ALMA (see Sect. 4.1).
Our results in Fig. 11 show that the radial dependence
of the electron density predicted by this model is consistent
with that derived in this work. While on the other hand the
absolute value of the electron density might appear under-
predicted by a factor of a few, we caution the reader that
our derivation of the electron density from the observations
assumes electrons to be the only collisional partners that
contribute to the excitation of CO. Other species might con-
tribute as well, but the lack of calculated cross sections for
collisions between CO and any species that are abundant in
the disk (e.g. atomic carbon and oxygen) prevents us from
being able to make quantitative predictions (see discussion
in Matra` et al. 2015). In general, the influence of additional
collisional partners would lower our measured ne− , meaning
that the model is still consistent with our observations.
Another test for the model is our estimate of the disk
scale height (Sect. 3.3.1). The gas temperature at radii where
the CO is detected was predicted by the model to have a
value of ∼52 K at 85 AU and decrease as T ∼ R−0.8, which
for a vertically isothermal gas dominated by C and O (µ=14)
translates into a scale height of 3.6 AU at 85 AU, increasing
as H ∼ R1.1. As estimated in Sect. 5.1, CO should rapidly
collide and couple with the atomic gas, meaning that we
would expect a similar scale height for the CO and atomic
disks. However, our results show that CO has a scale height
that is twice larger than predicted by the model (7 AU vs
3.6 AU at 85 AU radius) and that it has a shallower radial
increase (as ∼ R0.75 vs ∼ R1.1). This difference cannot be
explained by the CO disk being decoupled from the atomic
disk, since the increase in molecular mass would make the
discrepancy even larger. As well as a geometrical effect due
to a non-negligible inclination of the disk to the line of sight,
which is degenerate with the disk’s vertical structure, two
physical reasons can be invoked to explain this discrepancy:
• The gas is not vertically isothermal. This is to be ex-
pected if the gas becomes vertically optically thick to C i-
photoionising UV radiation, which is the main heating pro-
cess in the disk (Kral et al. 2016). Then, the upper disk lay-
ers would be warmer than the disk midplane, which would
naturally produce a wider vertical distribution than in the
vertically isothermal case. This is also suggested by the ver-
tical distribution of Fe i and Ca ii gas, which is in fact even
broader than that inferred for CO here (the scale height
value derived for Fe i is ∼16 AU at 85 AU radius, for a near
exponential vertical profile; Nilsson et al. 2012).
• The excitation of CO, and hence the electron density,
is not vertically uniform. In our analysis, we assumed the
observed vertical flux distribution (after deconvolution by
the instrumental resolution) to be a good tracer of the un-
derlying CO mass distribution. However, if a vertical gra-
dient in electron density is present in the disk, which once
again would be expected if C i photoionisation preferentially
takes place in the upper layers, the flux vertical distribution
observed would appear broader than the true CO mass dis-
tribution, skewing our scale height measurement to higher
values.
Furthermore, if the vertical optical thickness to C i-
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photoionising UV radiation decreases as a function of radius,
the effects above would be stronger in the disk inner regions
compared to the outer regions. This would then naturally
explain the shallower radial dependence of the scale height
measured here.
5.4 Solving the primordial vs secondary origin
dichotomy in gas-bearing debris disks
Just like β Pic, an increasing number of young, <100 Myr-
old debris disks has recently been detected in molecular
and/or atomic gas lines. This phenomenon had only been
observed for disks around A stars until recently, when CO
in the debris belt around the late-F star HD181327 (mem-
ber of the same moving group, and hence coeval with, β
Pictoris) was detected by ALMA (Marino et al. 2016). To
explain these discoveries, a dichotomy has emerged between
the primordial and secondary gas origin scenarios, where the
disk is viewed, respectively, as protoplanetary disk where gas
dispersal has been delayed (as proposed for HD21997 and
HD141569, Ko´spa´l et al. 2013; Flaherty et al. 2016) or as a
debris disk where second-generation gas is released by plan-
etesimals through a steady-state collisional cascade and/or
a relatively recent stochastic event.
In Sect. 4.2 we showed how optically thin CO line ra-
tios can be used to probe the density of collisional partners
in a gas-bearing debris disk. As discussed in Matra` et al.
(2015), at least three optically thin lines are needed to com-
pletely solve the collider density-kinetic temperature degen-
eracy; these do not have to be from the same species, as
long as the species are located in the same disk regions and
therefore are subject to similar collider densities and tem-
peratures. From Fig. 10 we can deduce that if the collider
density is high enough (towards the right in the plots), LTE
applies and the line ratios become dependent solely on the
kinetic temperature, meaning we are unable to probe the
collider density in the disk. Nonetheless, we can set a lower
limit to it, which will correspond to few times the critical
density ncrit of the colliders, since by definition LTE applies
if ncoll  ncrit. If however collider densities are lower, we
are in the NLTE regime and we can estimate the collider
density directly, either through observations of 3 lines or by
making reasonable assumptions on the kinetic temperature,
as we did in the case of β Pic.
This method is powerful as it can be used to test the
presence of otherwise undetectable collider species, such as
H2 gas, in the system. Since this species dominates the disk
mass in a protoplanetary disk, its presence should be domi-
nant in gas-bearing debris disks of primordial origin. H2 is an
extremely volatile molecule and unlike heavier species does
not freeze-out onto grains (e.g. Sandford et al. 1993, and
references therein), meaning that it cannot survive proto-
planetary disk dispersal by freezing out on cometary bodies.
Therefore, its presence is not expected at all in debris disk
gas of secondary origin. However, if we assume a disk to
be primordial, H2 will dominate collisions with CO, and in
turn the CO line ratio analysis should consistently yield H2
densities typical of protoplanetary disks. In the case of β
Pic, under this assumption, we derive H2 densities of order
103 − 105 cm−3.
The only direct measurement of the bulk H2 content in
a protoplanetary disk comes from the detection of HD in
the TW Hydrae protoplanetary disk (Bergin et al. 2013).
This detection, combined with detailed models of the disk’s
physical and chemical structure, yielded midplane H2 densi-
ties of order 107−1010 cm−3. These are considerably higher
than the values we derived for β Pic, and crucially are well
in the LTE regime of CO excitation. Thus, detection of op-
tically thin CO lines that are excited subthermally (i.e. are
out of LTE) like in β Pic is already proof that we are look-
ing at environments that are H2-depleted by several orders
of magnitude. A simple estimate of the vertical column den-
sity can then be obtained by assuming a uniform column of
length 15 AU (equivalent to about twice the vertical scale
height at the clump location in the β Pic disk, Sect. 3.3.1)
and our upper limit of 105 cm−3 on the H2 density. This
yields a column density of ∼1019 cm−2, which is not suffi-
cient to shield the CO from UV photodestruction over the
age of the system (Visser et al. 2009). Therefore, even in the
presence of low H2 levels, CO cannot have survived since
the protoplanetary phase of evolution, and must therefore
be replenished through exocometary volatiles. This provides
additional and now definitive confirmation of the secondary
origin of gas in the β Pictoris disk. Furthermore, we here
propose this analysis of multi-transition observations of op-
tically thin, subthermally excited CO as a fundamental way
to indirectly probe the H2 density in other gas-bearing debris
disks, hence solving the primordial versus secondary origin
dichotomy.
6 SUMMARY AND CONCLUSIONS
In this work, we presented new ALMA Band 6 observations
of the CO J=2-1 line in the β Pictoris debris disk, and com-
bined them with archival Band 7 observations of the CO
J=3-2 line to derive the 3D morphology, excitation condi-
tions and total mass of the CO gas. We reach the following
conclusions:
• We confirm the presence of the CO clump discovered
by Dent et al. (2014), peaking at radius of 85 AU and an
azimuth of ±32◦ in the orbital plane of the disk (SW on-
sky). At the 0.′′3 resolution of the new dataset, we conclude
that the clump is radially extended, spanning ∼100 AU in
orbital radius. Since CO should rapidly couple to the atomic
gas disk already in place and quickly proceed in Keplerian
rotation around the star, it does not have time to spread
radially and must be produced at a broad range of radii.
This rules out a giant impact between planetary bodies as a
possible dynamical scenario to explain the clumpy morphol-
ogy, leaving resonant trapping by outward planet migration
as the only viable mechanism proposed so far. This scenario
is also consistent with the observed azimuthal structure for
an assumed disk inclination of ∼86◦, and can be tested by
looking for the clump’s predicted orbital motion.
• The CO disk is vertically tilted, i.e. its PA presents an
extra anticlockwise rotation compared to the main disk ob-
served in scattered light. The degree of misalignment is in
line with that inferred for the warp observed in scattered
light imaging of the disk, suggesting a common origin be-
tween the CO clump and the scattered light warp.
• Under the assumption of a vertically isothermal disk,
the scale height measured is a function of orbital radius (in-
creasing as H ∼ R0.75 with a value of 7 AU at the clump
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radial location). As observed for metallic atoms, this implies
temperatures that are higher than predicted by thermody-
namical models (Kral et al. 2016). Aside from a geometrical
effect due to our edge-on assumption, this discrepancy can
be attributed to the fact that the disk is likely not vertically
isothermal and/or to a potential higher electron abundance
in the disk surface layers, where both effects are expected if
the disk is vertically optically thick to C-photoionising UV
photons.
• The CO J=3-2/J=2-1 line ratio shows a clear gradient
with radial velocity in the PV diagrams, which is consis-
tent with a power law decrease with orbital radius. Through
NLTE modelling, we attribute this to a radial decrease in
the electron density in the disk, in line with model pre-
dictions. No enhancement at the clump location nor a sig-
nificant NE/SW asymmetry are observed, confirming that
CO lies in an azimuthally symmetric, atom-dominated sec-
ondary disk.
• Repeating the NLTE analysis above under the assump-
tion of an H2-dominated primordial disk, we derive H2 densi-
ties that are many orders of magnitude lower than expected
for protoplanetary disks. These imply column densities that
are too low to shield CO and allow it to survive over the
age of the system, providing further proof that CO needs to
be replenished and hence the gas disk must be of secondary
origin. We propose such measurement of H2 densities from
subthermally excited, optically thin CO lines as a funda-
mental way to solve the primordial vs secondary dichotomy
in other gas-bearing debris disks.
• Using both CO transitions, we refine the total CO mass
measurement to 3.4+0.5−0.4×10−5 M⊕. We find that the vertical
CO and C i column densities are sufficient to partially shield
CO from UV light, prolonging its survival timescale to ∼300
years, which is still much shorter than both the system age
(hence requiring replenishment from cometary ices) and the
orbital period (hence producing the observed clumpy mor-
phology and NE/SW asymmetry). Assuming CO gas to be
in steady state, being released from ices through the colli-
sional cascade and then rapidly photodestroyed, we estimate
the CO+CO2 mass abundance in the comets to be at most
6%. This is still consistent with cometary abundances mea-
sured in both our own Solar System and in coeval HD181327
system.
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APPENDIX A: COMPARING THE ALMA
DATASETS
In order to allow for direct comparison between the CO J=2-
1 and J=3-2 data cubes, both need to have matching pixel
and channel size, as well as spatial and velocity resolution.
We therefore re-CLEANed the Band 6 dataset to achieve
the coarser pixel size, spatial beam and channel size of the
Band 7 dataset. While the CLEAN task within CASA allows
us to choose the channel size of the restored data cube, it
does so through simple spectral rebinning, and as such does
not change the velocity resolution of the dataset (or in other
words, its spectral response function). The native spectral
response function of ALMA data is a Hanning-smoothed sinc
function of width (resolution) equal to twice the native chan-
nel width. This function is well approximated by a Gaussian
of equal FWHM (ALMA Helpdesk, private communication).
Therefore, as well as rebinning of channels at the CLEAN-
ing stage, convolution by a Gaussian of FWHM equal to the
quadratic difference between the target resolution and the
native resolution was necessary to allow spectral comparison
of the datasets.
The stellar position from Hipparcos was corrected for
proper motion separately between datasets, and the final
images rotated by the position angle of the main scattered
light dust disk (29.3◦, Lagrange et al. 2012), aligning the
disk midplane to the horizontal on-sky spatial axis xsky (see
Fig. 1). The astrometric accuracy of an ALMA dataset is
based on the phase tracking accuracy of the array; this de-
pends on several factors, including weather, observing band,
accuracy in the position of each antenna, distance of the
source to the phase calibrator, and frequency of phase cal-
ibration measurements. We quantify this as advised in the
ALMA Knowledgebase2, and assume a 1σ RMS astrometric
accuracy of ∼0.′′037 for the Band 6 and ∼0.′′029 for the Band
7 dataset.
In order to remove potential systematics in the ALMA
phase tracking, we recenter the data cubes using the loca-
tion of the star, which is itself detected in both continuum
datasets. Since emission at its location includes a contribu-
tion from the disk itself, which may bias our procedure, we
determined its position through global fitting of disk+star
models in each dataset, whose detailed description will ap-
pear in forthcoming work (Matra` et al. prep). In the Band 6
dataset the best-fit stellar offset from the image centre was
found to be (−0.′′0084, 0.′′034) along the midplane and per-
pendicular to it, respectively; this offset was (0.′′24, 0.′′12) for
the Band 7 dataset, which was likely affected by systematics
during the Science Verification Cycle 0 campaign of ALMA.
APPENDIX B: FITTING THE DISK VERTICAL
STRUCTURE
The Gaussian fitting procedure employed to derive the ver-
tical structure of the disk takes into account the following
uncertainties:
• The uncertainty ∆SCO on the observed line flux at each
pixel, i.e. the RMS of the images in Fig. 1.
• The uncertainty ∆y′sky on the the pixel location along
the direction which is perpendicular to the disk midplane.
Let us define the rotated pixel reference frame to be centred
on the stellar position, with x′sky along the disk midplane and
y′sky perpendicular to it, and with both having a positive sign
towards the SW direction. The position in this
(
x′sky, y
′
sky
)
reference frame was obtained from the original unrotated
reference frame (also centred on the star, with xsky positive
towards East and ysky positive towards North), through an
anticlockwise rotation by an angle of 90◦ − θPA. Thus, y′sky
can be expressed as a function of xsky, ysky and θPA simply
through
y′sky = sin(90
◦ − θPA)xsky + cos(90◦ − θPA)ysky (B1)
2 https://help.almascience.org/index.
php?/Knowledgebase/Article/View/319/0/
what-is-the-astrometric-accuracy-of-alma
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This means that uncertainties in the PA (29.◦3+0.2−0.3), xsky and
ysky will propagate as an uncertainty in y’ through
∆y′2sky = sin
2(90◦ − θPA)(∆xsky)2 + cos2(90◦ − θPA)(∆ysky)2+
+(−xskycos(90◦ − θPA) + yskysin(90◦ − θPA))2(∆θPA)2
(B2)
The uncertainties ∆xsky and ∆ysky are given by the as-
trometric accuracy of the instrument (see Appendix A),
summed in quadrature with the uncertainty on the star’s
proper motion (∼0.′′004).
The fit was carried out using the affine invariant Markov-
Chain Monte-Carlo (MCMC) Ensemble sampler from Good-
man & Weare (2010), implemented through the Python
emcee package (Foreman-Mackey et al. 2013). The like-
lihood function of the data given a model 1D Gaus-
sian was defined through the χ2 distribution, taking into
account uncertainties in both flux and vertical position
(∆SCO and ∆y
′
sky). The Gaussian vertical centre yobs,
FWHM and peak max(SCO,model) were left as free parame-
ters, and uniform, uninformative priors set as |yobs| < 20
AU, 0 < max(SCO,model) < 2.0 × max(SCO,observed) and
FWHMbeam <FWHM< 80AU, where FWHMbeam is the
resolution of the data projected onto the perpendicular to
the disk midplane. For each vertical cut, the posterior prob-
ability distribution of the Gaussian parameters, given the
data, was sampled using 300 walkers through 500 steps. The
resulting best-fit Gaussians are shown in the top panel of
Fig. 3 as the black dashed lines. Their best-fit vertical cen-
tres yobs and FWHM are plotted as a function of midplane
location in the central and bottom panel of Fig. 3. The error
bars show the 1σ error obtained from the posterior proba-
bility distribution of yobs as sampled through the MCMC.
APPENDIX C: FROM PV DIAGRAMS TO
ORBITAL PLANE
Assuming gas in a flat circular disk in Keplerian rotation
around the star, the magnitude of its orbital velocity will
be given by
√
GM∗
R
, where G is the gravitational constant,
M∗ is the stellar mass, and R is the radial distance from
the star; its direction will be perpendicular to the radius
vector. In Cartesian coordinates (centred on the star), the
orbital velocity along the y axis can then be expressed as
vy =
√
GM∗
R
cos θ, where θ is the angle between the x axis
and the radius vector. If we then rotate the disk about
the x axis by an angle i corresponding to its inclination
to the plane of the sky, its velocity perpendicular to the
plane to the sky (i.e. its radial velocity), will be given by
vrad =
√
GM∗
R
cos θ sin(i). By definition, in the orbital plane
x = R cos θ, leading to vrad =
√
GM∗
R3
sin(i)x. Since x is the
axis of rotation when transforming from the orbital to the
sky plane, the x component of both position and velocity
remains unchanged (i.e. x = xsky). This has two important
consequences:
(i) Since the PV diagram is by definition a map in
(xsky, vrad) space, knowing the inclination angle i means that
each PV location traces a certain disk radius R. In fact, for
a given inclination, each orbital radius defines the slope of
a unique straight line in PV space (see Fig. 4 and 9). This
can be directly used as a probe of the radial extent of the
disk. However, the accuracy in measuring R is limited by
the finite spectro-spatial resolution of the instrument; this
is particularly important at |vrad| ∼ 0 (i.e., along the line of
sight to the star), where it becomes impossible to disentangle
contributions from different orbital radii.
(ii) As R and x in the orbital plane are now known, a y po-
sition can immediately be derived through y = ±√R2 − x2.
Due to the sign, however, there remains a degeneracy; this
can only be solved if the disk is not edge-on, as in that
case we have an extra observable, the vertical on-sky loca-
tion, that allows to break the degeneracy. As applies for R,
derivation of y is severely limited near the line of sight to
the star.
Therefore, assuming a flat, circular Keplerian disk and
an inclination angle, PV diagrams can be used to map disk
emission in its orbital plane (see e.g. Fig. 5).
APPENDIX D: BREAKING THE
DEPROJECTION DEGENERACY USING THE
OBSERVED VERTICAL STRUCTURE
Combining the methods outlined in Appendix B and C allow
us to obtain, for a choice of inclination i and on-sky tilt
angle dPA, parameters of the observed best-fit sky-projected
vertical Gaussian (centre yobs, standard deviation σobs and
peak vertical flux Fpeak) at each (x,±y) location in the disk
orbital plane. If the disk is perfectly edge-on (i = 90◦), the
degeneracy in the sign of y cannot be broken, as emission
coming from in front and behind the sky plane will lie at the
same sky-projected vertical location +ysky,orb = −ysky,orb =
0. If the disk is sufficiently inclined to the line of sight (i <
90◦), however, emission coming from behind and in front the
sky plane will lie at different vertical locations on the sky
plane, on opposite sides of the midplane (i.e. +ysky,orb 6=
−ysky,orb). If (i  90◦), the distance between the two will
be large enough for them to be resolved, if both the disk
physical vertical thickness and the instrumental resolution
allow. If i→ 90◦, as is the case for β Pictoris, the two sides
will not be vertically resolved.
However, if the disk is azimuthally asymmetric, the
front and back of the disk will contribute to the observed
emission in unequal amounts, causing a vertical shift in the
centroid of the observed emission (red solid line in Fig. D1)
and consequently also in the centre of the best-fit verti-
cal Gaussian yobs (blue dashed line) towards either + or
−ysky,orb, whichever contributes most to the emission. We
here aim to use this shift to retrieve the fraction of the flux
originating at +ysky,orb and -ysky,orb, and hence in front and
behind the sky plane at ±y. We note that a degeneracy is
still present in that we do not know whether CO above the
on-sky midplane is in front or behind the sky plane, and
viceversa for CO observed below the midplane.
For simplicity, we assume that the two flux contribu-
tions we are trying to find take the form of Gaussians with
the same standard deviation σobs as that of the best-fit ver-
tical Gaussian, but centred at +ysky,orb and -ysky,orb for a
given orbit (black dotted lines in Fig. D1). We then extract
their relative flux contribution by imposing that the integral
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Figure D1. Graphical representation of the procedure employed
to recover the flux fraction originating from above (at +ysky,orb)
and below the disk on-sky midplane (at −ysky,orb). Here we show
an example for an orbit inclined by 89◦ to the line of sight, for
a disk that is tilted in the plane of the sky by 3◦, at a location
of -19.4 AU along the disk sky-projected midplane, and radial
velocity of +0.4 km/s with respect to the star. See main text for
details of the procedure.
under the sum of the two Gaussians (green area in Fig. D1)
from -∞ to yobs is equal to exactly half of the integral be-
tween ±∞ under the original best-fit Gaussian (blue dashed
curve). This reduces to a simple analytical formula for the
fraction f+ of flux originating from the +ysky,orb location,
f+ =
erf
(
yobs+ysky,orb√
2σobs
)
erf
(
ysky,orb−yobs√
2σobs
)
+ erf
(
yobs+ysky,orb√
2σobs
) , (D1)
where erf is the error function, and of course the fraction
originating from the -ysky,orb will be f
− = 1− f+. We note
that due to either noise in the ALMA cubes or a choice of
orbit (i, dPA) that does not well represent the data, it may
happen that at some PV locations (xsky, vrad) yobs does not
fall in between±ysky,orb. In such cases, we assign the entirety
of the flux to the nearest of either the +ysky,orb or −ysky,orb
locations.
By finding the relative contributions of the two Gaus-
sians, we are basically creating a double-Gaussian model
(green long-dashed line in Fig. D1) that we can then compare
to the data (red solid line), for each specific PV location. The
free parameters of this model orbit are the disk inclination
i and the on-sky tilt angle dPA. To attempt constraining
these parameters, we therefore construct this model for a
grid of i and dPA and in each case evaluate how well it fits
the observed data cube. We do this by simply using the χ2
statistic, showing the resulting reduced χ2 map in Fig. D2.
This shows that for any tilt angle dPA our simple model
prefers disk inclinations ≥ 86◦, with a formal best-fit at
i = 88◦ and dPA = 3◦. The results are discussed in more
detail in Sect. 3.3.2.
This paper has been typeset from a TEX/LATEX file prepared by
the author.
Figure D2. Reduced χ2 map obtained by fitting the double-
Gaussian vertical profile model to the CO J=2-1 ALMA data cube
(as shown by the green long-dashed and red solid lines in Fig. D1
for a specific sky-projected midplane location and radial velocity).
The two free parameters for the orbit are the disk inclination i
and on-sky tilt angle dPA.
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